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The 3-yr release

• 3-years of observations (will have 5 in October)

• Satellite still working great - no problems!

• New map-making pipeline:

• solve for maximum likelihood solution instead of prewhitening

• updated physical gain model

• account for bandpass mismatch leaking into polarization

• Updated beam modeling with better determination of solid angle (~1%)

• Better understanding of large-scale noise structure

• And last but not least... much improved polarization S/N!



Satellite stability

Temp of B-side primary mirror for years 1,2,3





Updated gain model
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two onboard star trackers (Hinshaw et al. 2003a). WMAP observes Jupiter ≈ 90 days per year

in two ≈ 45 day “Jupiter seasons”. To test pointing stability, boresight directions are computed

separately for each Jupiter season, and differences between the individual seasonal determinations

are noted. During the first year of WMAP observations, the azimuthal beam positions found for

the first two Jupiter seasons agreed to better than 3′′, but the elevation positions differed by ≈ 10′′.

This small difference was consistent with expected error in the spacecraft quaternions and was

treated as part of the error budget rather than being actively corrected.

The second year of WMAP operation provided two additional Jupiter observing seasons, 2002

Nov 01 - 2002 Dec 26 and 2003 Mar 13 - 2003 May 08. With the addition of the third season, it was

found that, while azimuthal positions were stable, the apparent elevations of the beams relative to

the spin axis of the satellite now differed by ≈ 30′′ from the positions originally computed from the

first Jupiter season. Jupiter observations from season 4 confirmed the systematic change in eleva-

tion. By comparing the attitude measurements of the two star trackers and the radiometric Jupiter

observations, the systematic variation was traced to a temperature dependent flexure occurring in

the spacecraft structure, which altered the pointing of the star trackers relative to the microwave

telescope’s beams.

Processing of the 3-year WMAP data assumes a linear dependence of apparent star tracker

elevation with spacecraft temperature, and corrects the spacecraft quaternions appropriately. A

new set of line-of-sight vectors describing the telescope beam positions for use with the updated

quaternions is available with the data release1. The resulting pointing corrections are small com-

pared to the size of the beams (≥ 12′) and therefore produce negligible changes to signals in the

maps, but will slightly change the noise patterns since observations near pixel borders may have

moved into adjacent pixels relative to the first year analysis. Based on the data from the six Jupiter

seasons, residual pointing errors after application of the corrections are estimated to be < 10′′. A

detailed description of the modeling of the pointing correction is contained in Limon et al. (2006).

2.4. Radiometer Gain Model

The year-1 analysis of the WMAP data employed a model that related small changes in the

radiometer gains (typically ≈ 1 %) to values of radiometer housekeeping data based on a physical

model of the radiometer performance (Jarosik et al. 2003b). Each detector was modeled separately

and used the measured values of the FPA temperature, TFPA, the radio frequency (RF) bias powers

on the detectors, V , and three parameters determined by fitting the model to the hourly gain

measurements, obtained from the CMB dipole signal. The form of the model used in the year-1

analysis was

G = α
V − V0

TFPA − T0
. (1)

1All data products in the current release are available through http://lambda.gsfc.nasa.gov

– 8 –

The parameter V0 characterizes compression (non-linear response) of the amplifiers and detectors,

T0 characterizes the variation of the noise temperature of the input amplifiers with physical tem-

perature, and α normalizes the overall gain. An example of the gain model performance fit to the

hourly dipole-based gain measurements can be found in Jarosik et al. (2003b).

When the gain models fit to the first year observation data were extended to the 3-year data

significant deviations became evident. These deviations became apparent as the input housekeeping

data to the model (V and TFPA) spanned a larger range than was used to fit the model, due to

the slow warming of the observatory. Re-fitting the original gain model parameters (V0, T0 and

α) greatly improved the agreement between the model and dipole derived gain measurements, but

significant errors still were evident. An additional term was added to the model to account for the

variation of the compression of the amplifiers and square law diode detectors with their physical

temperature by allowing the parameter characterizing the nonlinearity to have a weak temperature

dependence. The resulting form of the gain model is

G = α
V − V0 − β(TRXB − 290)

TFPA − T0
, (2)

where TRXB is the temperature (in Kelvin) of the RXB thermometer closest to the detector and β

is an additional parameter to be fit. Figure 2 shows the dipole derived gain measurements and the

results of fitting the original model and the improved model to the 3 year data for the V223 detector.

The new model significantly improves the fit over the entire 3 year period. The first-year analysis

implemented a small, time dependent weighting of the TOD using the denominator of equation (1)

as a measure of the input referenced noise temperature of the HEMT amplifiers. The values of T0

and β are strongly coupled in the current gain model and are not independently determined with

high accuracy. It is therefore not possible to use the denominator of equation (2) as a measure of

the radiometer noise levels. The three year processing therefore assumes uniform radiometer noise

within each year. We maintain the year-1 estimate of the absolute sky map calibration uncertainty

of 0.5 %.

2.4.1. The Gain Model’s Effect on Measurement of the Quadrupole

Comparison of the year-1 and 3-year gain models indicated that many of the year-1 gain

models displayed small errors in the predicted gain roughly linear in time, with an error on the

order of 0.3 % yr−1. For each DA2, difference maps were formed by subtracting maps processed

with the original gain model from those processed with the improved gain model. These maps

displayed a feature with a several micro-Kelvin quadrupolar component, an example of which is

presented in Figure 3. This signal was found to have similar morphologies in many of the maps

2A Differencing Assembly (DA) is a pair of differential radiometers connected to the two linear polarizations of a

set of telescope feed horns.
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Table 2. Data Flagging Summary

Category K-band Ka-band Q-band V-band W-band

Lost or rejected data

Losta (%) 0.43 0.43 0.43 0.43 0.43
Thermal disturbanceb (%) 0.51 0.51 0.51 0.51 0.51
Gain/baseline step (%) 0.02 0.04 0.05 0.00 0.06

—— —— —— —— ——
Total lost or rejected (%) 0.96 0.98 0.99 0.94 1.00

Data not used in maps

Planet in beam (%) 0.11 0.11 0.11 0.11 0.11

aPrimarily due to one solar storm induced safehold.

bPrimarily due to station-keeping maneuvers at L2.

Table 3. Change in low-l Power

Band l = 1a l = 2b l = 3b

(µK) (µK2) (µK2)

K 10.1 38.8 9.1
Ka 7.3 2.7 3.4
Q 6.1 7.1 12.3
V 5.1 7.1 2.2
W 7.0 5.8 1.5

al = 1 - Amplitude in the differ-
ence map, in µK.

bl > 1 - Power in the difference
map, l(l + 1)Cl/2π, in µK2.
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1yr/3yr TT Cl comparison

1yr WMAP
1yr WMAP+CBI+ACBAR

3yr WMAP



1yr/3yr Beam difference

• 3yr beam solid angles are ~1% larger than 1yr

• Leads to a ~1.5% reduction in the VW window 
function for 200<l<800

• Change is consistent with 1yr beam uncertainties
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K-band polarization (23GHz)



Ka-band polarization (33GHz)



Q-band polarization (41GHz)



V-band polarization (61GHz)



W-band polarization (94Ghz)





Haslam 408 MHz

WMAP K-band

Supernova radio loops 
(Berkhuijsen et al. 1971)



Raw EE/BB spectra
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Synchrotron emission is produced by cosmic-ray electrons
orbiting in the ≈ 3 µG Galactic magnetic field. The unpo-
larized synchrotron component has been well measured by
WMAP in the 23 to 94 GHz range (Bennett et al. 2003a). The
brightness temperature of the radiation is characterized by
T (ν)∝ νβs where the index !3.1< βs < !2.5 varies consider-
ably across the sky (Reich & Reich 1988; Lawson et al. 1987).
In the microwave range, the spectrum reddens (βs tends to
more negative values) as the frequency increases (Banday &
Wolfendale 1991).
Synchrotron radiation can be strongly polarized in the di-

rection perpendicular to the Galactic magnetic field (Rybicki
& Lightman 1979). The polarization has been measured at a
number of frequencies [from Leiden between 408 MHz to 1.4
GHz (Brouw & Spoelstra 1976; Wolleben et al. 2005), from
Parkes at 2.4 GHz (Duncan et al. 1995, 1999), and by the
Medium Galactic Latitude Survey at 1.4 GHz (Uyanıker et al.
1999)]. At these low frequencies, Faraday rotation alters the
polarization. Electrons in the Galactic magnetic field rotate
the plane of polarization because the constituent left and right
circular polarizations propagatewith different velocities in the
medium. In the interstellar medium, the rotation is a func-
tion of electron density, ne, and the component of the Galactic
magnetic field along the line of sight, B||,

∆θ = 420◦
(

1 GHz

ν

)2 ∫ L/1 kpc

0

dr

(

ne

0.1 cm!3

)(

B||

1 µG

)

(8)
where the integral is over the line of sight. With ne∼ 0.1cm!3,
L ∼ 1kpc, and B|| ∼ 1µG, the net rotation is ∆θ ∼ 420◦/ν2,
with ν in GHz. At WMAP frequencies the rotation is negli-
gible, though the extrapolation of low frequency polarization
measurements to WMAP frequencies can be problematic. In
addition there may be both observational and astrophysical
depolarization effects that are different at lower frequencies
(Burn 1966; Cioffi & Jones 1980; Cortiglioni & Spoelstra
1995). Thus, our model for subtracting the foreground emis-
sion is based, to the extent possible, on the polarization direc-
tions measured by WMAP .
The other dominant component of polarized foreground

emission comes from thermal dust. Nonspherical dust grains
align their long axes perpendicularly to the Galactic mag-
netic field through the Davis-Greenstein mechanism (Davis
& Greenstein 1951). The aligned grains preferentially absorb
the component of starlight polarized along their longest axis.
Thus, when we observe starlight we see it polarized in the
same direction as the magnetic field. These same grains emit
thermal radiation preferentially polarized along their longest
axis, perpendicular to the Galactic magnetic field. Thus
we expect to observe thermal dust emission and synchrotron
emission polarized in the same direction, while starlight is po-
larized perpendicularly to both.
In Section §4.1, we describe a model of the polarized mi-

crowave emission from our Galaxy that explains the gen-
eral features of the WMAP polarization maps. However this
model is not directly used to define the polarization mask or
to clean the polarization maps. We go on to define the polar-
ization masks in §4.2 and in §4.3 we describe howwe subtract
the polarized foreground emission.

4.1. The Galaxy Magnetic Field and a Model of Foreground
Emission.

In the following, we present a general model of polarized
foreground emission based onWMAP observations. We view

this as a starting point aimed at understanding the gross fea-
tures of theWMAP data. Amore detailed model that includes
the wide variety of external data sets that relate to polarization
is beyond the scope of this paper.
For both synchrotron and dust emission, the Galactic mag-

netic field breaks the spatial isotropy thereby leading to polar-
ization. Thus, to model the polarized foreground emission we
need a model of the Galactic magnetic field. As a first step,
we note that the K-band polarization maps suggest a large co-
herence scale for the Galactic magnetic field, as shown in Fig-
ure 3.
We can fit the large-scale field structure seen in the K-band

maps with a gas of cosmic ray electrons interacting with a
magnetic field that follows a bisymmetric spiral (BSS) arm
pattern. Many external galaxies show similar arm patterns
(e.g., Sofue et al. 1986) and the BSS pattern is a good fit to
pulsar measurements (Han & Wielebinski 2002). The BSS
magnetic field is modeled as:

B(r,φ,z) = B0[ cosψ(r)cosχ(z)r̂+ (9)

sin ψ(r)cosχ(z)φ̂+

sin χ(z)ẑ]

where ψ(r) = ψ0 +ψ1 ln(r/8 kpc), χ(z) = χ0 tanh(z/1 kpc), r
and z are measured in kpc, r ranges from 3 kpc to 20 kpc,
and the angles are in degrees. For a fixed radius, |B| has the
same value at all azimuths. We take 8 kpc as the distance
to the center of the Galaxy (Eisenhauer et al. 2003; Reid &
Brunthaler 2005). The values are determined by fitting to the
K-band field directions. While the tilt, χ(z) with χ0 = 25◦, and
the radial dependence, ψ(r) with ψ1 = 0.◦9, optimize the fit,
the key parameter is ψ0, the opening angle of the spiral arms.
We find that the magnetic field is a loosely wound spiral with
ψ0 $ 35◦.
To model the cosmic ray electrons, we assume they have a

power-law distribution with slope 17 p = !(2βs + 3) = 3 (Ry-
bicki & Lightman 1979) and are distributed in a exponential
disk with a scale height of hd = 1 kpc and a radial scale length
of hr = 5 kpc (e.g., Drimmel & Spergel 2001) as

ne = n0 exp(!r/hr)sech
2(z/hd). (10)

While the amplitude of the signal is sensitive to the details of
the cosmic ray distribution and the magnetic field structure,
we may estimate its overall structure with the smooth field
model (Eq. 9) and cosmic ray distribution. We compute the
polarization direction in this simple model as:

tan2γ(n̂) =
U(n̂)

Q(n̂)

=

∫

ne(x, n̂)2Bs(x, n̂)Bt(x, n̂) dx
∫

ne(x, n̂)
[

B2s (x, n̂)!B
2
t (x, n̂)

]

dx
(11)

where n̂ is the line-of-sight direction, x is the distance along
that direction, ne is the electron distribution described above,
and Bt and Bs are orthogonal components of the field perpen-
dicular to the line of sight, with Bt the component perpendic-
ular to the z axis of the Galactic plane. The parameters of the
BSS model are determined by fitting the predicted directions,
Equation 11, to the measured the K-band field directions.
Figure 7 shows the predicted magnetic field directions for

the BSS model. In the plane, the field lines are parallel to

17 Bennett et al. (2003a) uses γ in place of p.
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17 Bennett et al. (2003a) uses γ in place of p.
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Reduction Factor for Synchrotron Reduction Factor for Dust

10

FIG. 8.— The left panel shows the geometric suppression factor, gsync(n̂), in the polarization due to the magnetic field geometry. In the region of low
polarization, gsync(n̂) is bounded to be greater than 0.2. The right panel shows a similar geometric suppression factor for polarized dust emission, gdust (n̂), see
§4.1.3.

K1 Polarization Amplitude K1 Polarization Prediction from Haslam

0.1T(mK)0

FIG. 9.— Left: The observed K-band polarization, P. The color scale ranges from 0 to 0.1 mK. Right: The model prediction of the K-band polarization based
on the Haslam intensity map. The model has one effective free parameter, the ratio of the homogeneous field strength to the total field strength as shown in
Equation 13. This plot shows the results for βs = !2.7 & q = 0.7.

|b|> 10◦, we limit the sample to the 1578 stars with heliocen-
tric distances greater than 500 pc. For |b| < 10◦, the model is
problematic because there is ample dust emission from dis-
tances further away than the stars sample.
We represent the starlight polarization data, (Q!,U!), in

terms of a polarization amplitude, P! and direction, γ!:

Q! =P! cos(2γ!)

U! =P! sin(2γ!) (14)

We then smooth the starlight data by convolving (Q!/P!) and
(U!/P!) with a Gaussian window with a FWHM of 9.◦2. The
smoothing is required because the measurements are coarsely
distributed. As a result, this dust model is applicable only for
# ! 15 and |b| > 10◦. Above, γ! describes the direction of
this smoothed starlight polarization field. We can quantify the
agreement between the starlight and WMAP K-band polar-
ization measurements by computing their correlation in each
pixel, z = cos(2(γ! ! γK) + π) where γK is the direction in K
band. Figure 11 shows a plot of the correlation as a function
of position. The median correlation coefficient is 0.72 im-
plying that the dust and K-band directions typically agree to
20◦. Because of noise in both the K-band and starlight maps,
this is an underestimate of the correlation. Nevertheless, the
correlation tells us that the basic model relating the starlight,
the dust, synchrotron emission, and the magnetic field agrees
with observations.

4.1.3. Thermal Dust Emission

Based on the detection of starlight polarization, thermal
dust emission is expected to be polarized at millimeter and
sub-millimeter wavelengths. Archaeops has detected polar-
ized thermal emission at 353 GHz (Benoît et al. 2004). An
extrapolation from this high frequency suggests that WMAP
should see polarized thermal dust emission at 94 GHz. Here,
we report on the WMAP detection of dust polarization at 94
GHz.
We generate a template for the dust polarization by using

the Maximum Entropy Method (MEM) dust intensity map
(Bennett et al. 2003a), the smoothed polarization direction
from the starlight, and the model geometric factor for the dust
layer:

Qdust(ν) = Idust(n̂)Πdgdust(n̂)cos(2γdust)

Udust(ν) = Idust(n̂)Πdgdust(n̂) sin(2γdust) (15)

where γdust = γ! +π/2 is the smoothed starlight polarization
direction. The geometric suppression factor for the dust, gdust ,
is computed along the same lines as gsync in Equation 12 and
is shown in Figure 8. To compute I(n̂) we assume the dust has
a scale height of 100 pc and a radial scale length of 3 kpc. To
find P(n̂) we use the BSS magnetic field model. The fractional
polarization, Πd = 0.05, is found with a best fit of the model
to the data. The uncertainty is estimated to be 50%.
Figure 12 compares this predicted pattern of polarization to

Use galactic model to create polarized dust
template from dust intensity map

suppression factor P/I predicted by the 
model

Dust directions from
starlight polarization data
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Polarized dust prediction



Foreground cleaning
WMAP Year-3 Polarization Maps 19

TABLE 4
COMPARISON OF χ2 BETWEEN PRE-CLEANED AND CLEANED

MAPS

Band χ2/ν Pre-cleaned χ2/ν Cleaned ν ∆χ2

Ka 10.65 1.20 6144 58061
Q 3.91 1.09 6144 17326
V 1.36 1.19 6144 1045
W 1.38 1.58 6144 -1229

Ka 2.142 1.096 4534 4743
Q 1.289 1.018 4534 1229
V 1.048 1.016 4534 145
W 1.061 1.050 4534 50

The top half of the table compares χ2/ν for the full-sky pre-cleaned
map to χ2/ν for full-sky cleaned map. The bottom half makes a
similar comparison for the region outside the P06 mask.

these modes here.
At the noise levels achievable with WMAP , the standard

cosmologicalmodel predicts that only the E mode of the CMB
polarization and its correlation with T will be detected. The
B-mode polarization signal is expected to be too weak for
WMAP to detect, while the correlations of T and E with B is
zero by parity. Thus the TB and EB signals serve as a useful
null check for systematic effects. The polarization of fore-
ground emission is produced by different mechanisms. Fore-
ground emission can have any mixture of E and B modes, it
can be circularly polarized (unlike the CMB), and E and B
can be correlated with T.
We quantify the CMB polarization anisotropy with theCTE! ,

CEE! , andCBB! angular power spectra, where

CXY! = 〈aX!maY∗!m〉. (21)

Here the “〈〉” denote an ensemble average, aT!m are the multi-
poles of the temperature map, and aE!m,aB!m are related to the
spin-2 decomposition of the polarization maps

[Q± iU](x̂) =
∑

!>0

!
∑

m=!!

∓2a!m∓2Y!m(x̂) (22)

via

±2a!m = a
E
!m± iaB!m (23)

(Zaldarriaga & Seljak 1997). The remaining polarization
spectrum combinations (TB, EB) have no expected cosmolog-
ical signal because of the statistical isotropy of the universe.
We compute the angular power spectrum after applying the

P06 polarization mask using two methods depending on the
! range. All power spectra are initially based on the single-
year r9 Q andU maps (Jarosik et al. 2006). For ! > 23 22, we
compute the power spectrum following the method outlined
in Hivon et al. (2002), and Kogut et al. (2003, Appendix A)
as updated in Hinshaw et al. (2006) and Appendix B.2. The
statistical weight per pixel is Nobs/σ20 where σ0 is the noise per
observation (Jarosik et al. 2006; Hinshaw et al. 2006). Here
Nobs is a 2x2 weight matrix that multiplies the vector [Q,U]
in each pixel

Nobs =

(

NQ NQU
NQU NU

)

, (24)

22 ! = 23 = 3Nside !1 is the Nyquist limit on !. For some analysis methods
(§D) we use HEALPix r3 for which nside = 2

3 = 8

where NQ, NU , and NQU are the elements of the weight arrays
provided with the sky map data. Note that the correlation be-
tween Q andU within each pixel is accounted for. We refer to
this as “Nobs weighting.” From these maps, only cross power
spectra between DAs and years are used. The cross spectra
have the advantage that only signals common to two indepen-
dent maps contribute and there are no noise biases to subtract
as there are for the auto power spectra. The covariance matri-
ces for the variousC! are given in Appendix C.3.
For ! < 23 we mask and degrade the r9 maps to r4 (see

the last paragraph of Appendix D and Jarosik et al. 2006) so
that we may use the full r4 inverse pixel noise matrix, N!1,
to optimally weight the maps prior to evaluating the pseudo-
C!. This is necessary because the maps have correlated noise
that is significant compared to the faint CMB signal. By “N!1

weighting” the maps, we efficiently suppress modes in the sky
that are poorly measured given the WMAP beam separation
and scan strategy (mostly modes with structure in the eclip-
tic plane). We propagate the full noise errors through to the
Fisher matrix of the power spectrum. For the spectrum plots
in this section, the errors are based on the diagonal elements
of the covariance matrix which is evaluated in Appendix B.
Figure 16 shows the effect that correlated noise has on the

low ! errors in the EE and BB spectra. The curves show the
diagonal elements of the inverse Fisher matrix (the C! errors)
computed in two ways: (1) assuming the noise is uncorre-
lated in pixel space and described byNobs (red) and (2) assum-
ing it is correlated and correctly described by N!1 (black).The
smooth rise in both curves toward low ! is due to the effects of
1/ f noise and is most pronounced in the W4 DA, which has
the highest 1/ f noise. The structure in the black trace is pri-
marily due to the scan strategy. Note in particular, that we ex-
pect relatively larger error bars on ! = 2,5,7 in EE and on ! = 3
in BB. We caution those analyzing maps that to obtain accu-
rate results, the N!1 weighting must be used when working
with the ! < 23 power spectra. For the Monte Carlo Markov
Chains (MCMC) and cosmological parameter evaluation, we
do not use the power spectrum but find the exact likelihood of
the temperature and polarization maps given the cosmological
parameters (Appendix D & Hinshaw et al. 2006).
For both r4 and r9 maps there are 15 MASTER cross power

spectra (see Table 5). For the full three-year result, we form
∑3

i,j=1 yi×yj/6 omitting the y1×y1, y2×y2, and y3×y3
auto power spectra. The noise per ! in the limit of no ce-
lestial signal, N!, is determined from analytical models that
are informed by full simulations for r9 (including 1/ f noise),
and from the full map solution for r4.

5.1. Power Spectrum of Foreground Emission Outside the
P06 Mask.

Figure 17 shows the EE and BB power spectra for the re-
gion outside the P06 mask, 74.3% of the sky, before any
cleaning. The 15 cross spectra have been frequency aver-
aged into four groups (Table 5) by weighting with the di-
agonal elements of the covariance matrix. Data are simi-
larly binned over the indicated ranges of !. It is clear that
even on the cut sky the foreground emission is non negligi-
ble. In K band, we find !(!+ 1)CEE!=<2!6>/2π = 66 (µK)2 and
!(!+ 1)CBB!=<2!6>/2π = 48 (µK)2, where ! =< 2! 6 > denotes
the weighted average over multipoles two through six. The
emission drops by roughly a factor of 200 in C! by 61 GHz
resulting in! 0.3 (µK)2 for both EE and BB. There is a “win-
dow” between ! = 4 and ! = 8 in the EE where the emission is
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FIG. 19.— The frequency spectrum of the foreground cleaned EE and BB power spectra outside the P06 mask for ! = 2!9. Black shows EE, blue shows BB,
and green, cyan, and orange show the EE yi ! y j spectra (the BB ones are similar). For cosmological analysis, only the QQ, QV, and VV frequency channels
are used (indicated by red triangles on the bottom of each panel). The dotted black line shows the EE signal for τ = 0.09. The brown line shows the MEM
dust temperature spectrum scaled by 0.0025 to indicate the level of 5% polarization. Averaged over the region outside the P06 mask, this is most likely an
overestimate. The red curve shows the synchrotron spectrum scaled to 0.15 the pre-cleaned K-band temperature value. Based on the foreground model and
discussion in text, it is unlikely that there is a significant residual foreground contamination in Q and V bands. Note that for all frequency combinations above
40 GHz (excluding KW), BB is clearly consistent with zero, also indicating the efficacy of the foreground cleaning.



Low-l EE/BB spectra



Large scale noise structure



1yr/3yr TE



1yr/3yr Optical Depth
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TABLE 9
OPTICAL DEPTH VS. DATA SELECTION

Combination Exact EE Only Exact EE & TE Simple tau EE Simple tau, no ! = 5,7

KaQV 0.111± 0.022 0.111± 0.022 · · · · · ·
Q 0.100± 0.044 0.082± 0.043 0.08± 0.03 0.085± 0.03
QV 0.100± 0.029 0.092± 0.029 0.110± 0.027 0.085+0.045!0.015

QV+VV · · · · · · 0.145± 0.03 0.14+0.02!0.06
V 0.089± 0.048 0.094± 0.043 0.09+0.03!0.07 0.10+0.03!0.07

QVW 0.110± 0.021 0.101± 0.023 0.090± 0.012 0.090± 0.015
KaQVW 0.107± 0.018 0.106± 0.019 0.095± 0.015 0.095± 0.015

The values of simple tau are computed for 2 ≤ ! ≤ 11. The models are computed in steps of ∆τ = 0.005 and linearly interpolated. The last
column is computed with the errors on ! = 5,7 multiplied by ten. The QV+VV is the QV combination without the QQ component. Since the
exact likelihood is based on the Ka, Q, V, and W maps, there is no corresponding entry for QV+VV. Note that the maximum likelihood values
are independent of frequency combination indicating that foreground emission is not biasing the determination of τ .
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0.00 0.100.05 0.200.15 0.25 0.30
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1-year

+ others
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FIG. 26.— The relative likelihoods of τ̃ , τ from the stand alone exact likelihood code, and the first-year results. For the three-year results, all parameters except
τ and the scalar normalization, A, were held fixed as described in the text. The solid curve (labeled “WMAP 3-years”) shows the exact likelihood for the QV
combination and the combined EE & TE data. The dot-dash line shows the exact likelihood for the QV combination but just for EE. Note that the three-year
TE data has little influence on determination of τ . The dotted line shows the exact likelihood for the KaQVW combination indicating that any foreground
contamination is small. The dashed line is simple tau for the QV combination. The two curves that peak at higher values of τ are from Spergel et al. (2003) and
show the first-year likelihood for the WMAP data alone and for WMAP in combination with other data sets. The darker grey band labeled “68% CL”shows the
result reported in Kogut et al. (2003) as a mean of τ = 0.17 and width σ = 0.04.

Using primarily the TT spectrum, along with the optical depth
established with the TE and EE spectra, the tensor to scalar ra-

tio is limited to r0.002 < 0.55 (95% CL). When the large scale
structure power spectrum is added to the mix (Spergel et al.
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High-l EE

WMAP QVW

3sigma detection of high-l EE amplitude predicted by TT



High-l TE



Who needs BB?

BB alone



Updated release

• Reduced point source correction amplitude 
by 18%, increasing the height of the 3rd peak

• LCDM/WMAP-only Sigma8 increases from 
0.74 to 0.77

• Extended low-l exact TT likelihood from 
lmax=12 to lmax=30

• Likelihood code available on LAMBDA



Future prospects
• “Future CMB observations that can provide an accurate 

measurement of the optical depth or third acoustic peak 
are needed to constrain parameters significantly better 
with CMB alone.” (Lewis astro-ph/0603753)

• WMAP funded for 8 years of observations
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